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Outline

• Indirect searches and uncertainties for

- Gamma rays from the halo

- Antiprotons from the halo

- Positrons from the halo

- Neutrinos from the Earth/Sun
Will use WIMPs (neutralinos) as an example when needed.



Annihilation in the halo
Neutral annihilation products

• Gamma rays can be searched for with e.g. Air Cherenkov 
Telescopes (ACTs) or Fermi (launched June 11, 2008). 

• Signal depends strongly on the halo profile,
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• Monochromatic
At loop-level, annihilation can occur to

• Continuous
WIMP annihilation can also produce a 
continuum of gamma rays

Features
• low fluxes
• clear signature

Features (compared to lines)
• lower energy
• more gammas / annihilation
• rather high fluxes
• not a very clear signature
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The S-factor – particle physics



• The particle physics factor is fairly straightforward to 
calculate for a given particle physics model

• However, loop corrections (like γγ and Zγ) severely 
enhance the gamma detection prospects

• Internal bremsstrahlung (or FSR) can change the 
spectrum though

• Annihilation cross section typically of the order of 
3·10-26 cm3 s-1 (to give the correct relic density). 
Sommerfeld enhancements, resonances etc can change 
the normalization though.

The S-factor – particle physics



γγ

Zγ

Secondary gammas
BM3

Integrated
yield: ≤10-3

of total

Typical gamma ray spectrum



• Whenever charged final states are present, 
photons can also be produced in internal 
bremsstrahlung processes

Internal Bremsstrahlung



T. Bringmann, L. Bergström and J. Edsjö, arXiv: 0710.3169, JHEP 01 (2008) 049
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Neutralino mass: mΧ = 233.3 GeV IB from stau exchange

• IB can give very 
hard photons.

• Dramatic at high 
energies!

Gamma ray spectrum including IB photons III
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When is it important?



The J-factor
• The J-integral depends 

strongly on the halo profile, 
especially towards the 
galactic centre.

• Lower uncertainties exist by 
looking further away from 
the galactic centre.

• Alternatively, one can look at 
dwarf galaxies, but then 
there are uncertainties from 
the DM profile in them 
(Strigari et al)
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FIG. 2: The probability distributions of the angular size sub-
tended by rs for each galaxy. We marginalize over the velocity
anisotropy and !s. The inner slope is fixed to " = 1.

ble II, we show the masses within 100 pc and the max-
imum circular velocities for each galaxy. The error bars
indicate the 90% c.l. regions.

To determine the flux distributions, we must first spec-
ify a solid angle for integration. For optimal detection
scenarios, the solid angle should encompass the region
with the largest signal-to-noise. For the present work,
we will integrate over a region where 90% of the flux
originates. As discussed above, for the particular case
where ! = 1, 90% of the flux originates within rs. There-
fore, in order to estimate the solid angle of integration,
we have to first determine the maximum likelihood val-
ues of rs. This is done by marginalizing over "s and #
with the Vmax ! rmax prior. The distributions of angular
sizes are then obtained from µ = tan!1[rs/D], where D
is the distance to the dSph. As shown in Fig. (2), we
find that given their similar size and roughly similar dis-
tances, all three dSphs will emit 90% of their !!ray flux
within a region of " 0.2 degrees, centered on each dSph
(for ! = 1). Ursa Minor is the most physically extended
galaxy, subtending the largest projected area on the sky.

It is important to determine whether each of the galax-
ies will be detected as point sources, or whether they will
be resolved as extended objects. To determine this we
compare their angular size to the angular resolution of
!-ray telescopes. GLAST will have a single photon an-
gular resolution of " 10 arcminutes for energies greater
than 1 GeV, similar to the angular resolution of ground-
based detectors (such as VERITAS) for energies greater
than few tens of GeV. In the case where the detected
number of photons is N! > 1, the angular resolution of
a detector is improved by a factor of 1/

!

N! . Therefore,

FIG. 3: The probability distributions for the "-ray fluxes from
Coma, Ursa Major II, Willman 1, and Ursa Minor, marginal-
izing over the velocity anisotropy, !s, and rs. We assume
P = 10!28 cm3 s!1 GeV!2 and an inner slope of " = 1.0.
We have assumed no boost from halo substructure, which in-
creases these fluxes by a factor ! 10 " 100.

these galaxies can be resolved as extended objects, which
in principle would allow a measured flux to determine the
distribution of dark matter in the halo itself.

Fig. (3) depicts the resulting flux probability distribu-
tion for the three new dSphs and Ursa Minor. These
are obtained by marginalizing over #, "s, and rs and in-
cluding the Vmax-rmax prior. We set the inner slope to
! = 1, and integrate the flux over the solid angle that
corresponds to 0.2 degrees from the center of the galaxy.
We assume a value of P = P0 = 10!28cm3s!1 GeV!2,
but the result can be scaled to any dark matter candi-
date with a di!erent value of P by simply multiplying
the flux distribution by a factor of P/P0.

The relative proximity of the three new dSphs, and
their comparable sizes, results in !-ray fluxes that are
roughly similar. For P # P0, the likelihood peaks at ap-
proximately "0 # 10!10cm!2s!1, with a spread of nearly
an order of magnitude. Thus Ursa Major II, Coma, and
Ursa Minor all have comparable fluxes, and Willman 1
has a most likely flux that is about three times larger
than Ursa Major II or Coma.

B. The e!ects of the inner slope and substructure
boost factors

Understanding the distribution of dark matter in the
inner regions of the dSphs also has important implica-
tions for detection of a !-ray flux. However, when vary-

Strigari et al, arXiv: 0709.1510



Halo profiles I

• A common spherically symmetric 
parameterization is

with e.g.

Profile α β γ

NFW 1 3 1

Isothermal 2 2 0

!(r) =
!s

(r/a)! [1 + (r/a)"](#!!)/"



Halo profiles II
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Figure 5: Allowed values of the parameters !0, the local halo density, and
a, the core radius, for the four halo profiles considered in Section 3. The
allowed regions vary as a function of the third parameter which enters the
discussion, the galactocentric distance of the solar system R0; we plot the
regions corresponding to R0 = 8.5 kpc which extend to lower values of a and
to R0 = 7.1 kpc which allow higher values of a. The markers indicate the
halo profiles which are considered in Fig. 6.
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Bergström, Ullio and Buckley ‘98



Halo profiles II
• The scale radius a 

and the local 
density ρ0 has to 
satisfy dynamical 
constraints of the 
Milky Way.
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allowed regions vary as a function of the third parameter which enters the
discussion, the galactocentric distance of the solar system R0; we plot the
regions corresponding to R0 = 8.5 kpc which extend to lower values of a and
to R0 = 7.1 kpc which allow higher values of a. The markers indicate the
halo profiles which are considered in Fig. 6.
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Halo profiles II
• The scale radius a 

and the local 
density ρ0 has to 
satisfy dynamical 
constraints of the 
Milky Way.

• Note that recent 
observations 
(Reid et al ’08) 
indicate that the 
MW mass is 
higher and 
velocities are 
higher (or theMW 
is smaller)
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Figure 5: Allowed values of the parameters !0, the local halo density, and
a, the core radius, for the four halo profiles considered in Section 3. The
allowed regions vary as a function of the third parameter which enters the
discussion, the galactocentric distance of the solar system R0; we plot the
regions corresponding to R0 = 8.5 kpc which extend to lower values of a and
to R0 = 7.1 kpc which allow higher values of a. The markers indicate the
halo profiles which are considered in Fig. 6.
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Halo profiles III
• Cored profiles (e.g. 

cored isothermal 
spheres) give much 
smaller rates towards to 
very galactic centre than 
e.g. an NFW (ρ~r-1).

• In principle, we could 
have other type of halos 
as well (triaxial, ...)

• We should also couple a 
velocity distribution to a 
given halo profile to be 
100% consistent.
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Substructures
• Substructures could in principle boost the signal 

by orders of magnitude.

• However, recent N-body simulations indicate 
that the boost factor is of the order of

- 5-15 (Via Lactea II)

- 1-2 (Aquarius)

• The boost factor will typically be different in 
different regions in the sky, smaller towards the 
galactic centre and possibly larger in other 
directions (will come back to this)



• Diffusion of charged particles. Diffusion model with parameters fixed from 
studies of conventional cosmic rays (e.g. the B/C ratio). 

!! ! p̄, D̄, e+

Annihilation in the halo
Charged annihilation products

Diffusion zone +L

0

-L



Diffusion model

• Cylindrical diffusion model with free escape 
at the boundaries

• Energy losses on the interstellar medium 
(for antiprotons and antideuterons) or 
starlight and CMB (for positrons)



Diffusion equation

!z (VC ") ! K !" + !E

!
bloss(E) " ! KEE(E) !E"

"
= Q (x, E)

Wind Spatial diffusion Energy losses Energy diffusion
(reacceleration)

Source term

K(E) = K0 ! (R/1 GV)! Q(x, E) ! !2""v#dN

dE

As the source term depends on the DM density squared, we 
are very sensitive to the halo profile and substructure.

KEE =
2
9

V 2
a

E2!4

K(E)



Diffusion model extremes

From P. Salati et al.

Carbon is primary, but Boron is secondary. Hence, the B/C ratio is a 
measure of how long the cosmic rays have diffused. This puts 
constraints on the parameters. Unfortunately, there is a degeneracy 
between L and K0.



Antiprotons – signal

Easy to get high fluxes, but...
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Antiprotons – fits to BESS data
Background only Background + signal

...room for, but no need for a signal!
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Background uncertainty 6

FIG. 2: Theoretical uncertainties in the secondary flux in antiprotons, taking into account the whole range of propagation
parameters that is allowed by the existing B/C data, again featured together with the existing low-energy data. In the right
panel of this figure, we have plotted T 3

p̄ !p̄ in order to better illustrate the expected near T!3
p̄ scaling of the flux at high energies.

Case ! K0 [kpc2/Myr] L [kpc] VC [km/s] Va [km/s]

max 0.46 0.0765 15 5 117.6

med 0.70 0.0112 4 12 52.9

min 0.85 0.0016 1 13.5 22.4

TABLE I: Typical combinations of di"usion parameters that
are compatible with the B/C analysis [6]; as demonstrated
later, these parameter sets correspond to minimal, medium
and maximal primary antiproton fluxes, respectively.

index ! is found to be equal to 2.72 for protons and to
2.74 for helium. Would hadronic interactions be scale
invariant, the secondary antiproton flux of Fig. 1 – for
which " = 0.7 – would drop like ! E!3.4. The actual
spectrum is slightly harder with an E!3.3 energy depen-
dence. As a cross-check, we also took for comparison the
parameterization of [27] (instead of [25, 26]) for the an-
tiproton production cross section through p H " p̄X. In
this case we find qualitatively the same spectrum, with
a slightly harder spectral index of 3.2 instead of 3.3.
This corresponds to an uncertainty in the background
flux which is much smaller than the one induced by the
not fully determined propagation parameters – see the
discussion below.

The semi-analytic treatment of cosmic ray propaga-
tion that is based on the Bessel expansion (4) is a con-
venient framework to derive the theoretical uncertainties
associated to the various parameters at stake – namely
K0, ", Va, VC and the thickness L. The space of these

propagation parameters has been extensively scanned [6]
in order to select the allowed regions where the predic-
tions on B/C – a typical cosmic ray secondary to pri-
mary ratio – match the observations. Several hundreds
of di!erent propagation models have survived that crucial
test. The propagation parameters are thus only loosely
constrained by the cosmic ray nuclei abundances so far
observed. The same conclusion has been reached inde-
pendently in Ref. [33] with the help of a fully numerical
code [34] in which the convective wind VC increases lin-
early with vertical height z. However, the B/C ratio
could not be accounted for when both galactic convec-
tion and di!usive reacceleration were implemented at the
same time, a problem which our Bessel treatment does
not encounter.

The yellow band shown in Fig. 2 is the envelope of the
secondary antiproton spectra computed with the set of
! 1, 600 di!erent propagation models found in [6] to pass
the B/C test. This band comprises the theoretical uncer-
tainty in the determination of the secondary antiproton
flux. It is confined by the ‘minimal’ and ‘maximal’ con-
figurations of Table I. As a first observation, we notice
how narrow the uncertainty strip is between ! 10 and
100 GeV. The PAMELA and AMS-02 collaborations will
thus be able to highlight even small spectral deviations
in that energy range. Above ! 100 GeV, the yellow band
widens as a result of the energy dependence of the dif-
fusion coe"cient K: from the B/C analysis, the spectral
index " may take any value between 0.46 and 0.85; its
spread #" = 0.4 thus translates into a factor of 100.8 ! 6
of uncertainty on the antiproton flux at 10 TeV – two

• Uncertainties in 
background 
from diffusion 
only 

Bringmann & Salati [arXiv:astro-ph/0612514]



Signal uncertainties
• More than one order of 

magnitude uncertainty

• Main reason for 
uncertainty is that the 
diffusion parameters are 
fit for sources in the 
galactic disk (degeneracy 
between L and K0), 
whereas the DM source 
is in the halo

• These are uncertainties 
within this diffusion 
model setup only.
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L (kpc), rw, rsp

Sprim
a=2.5 ! Sprim

ref

Sprim
ref

Sprim
a=5 ! Sprim

ref

Sprim
ref

Sprim
NF W ! Sprim

ref

Sprim
ref

15, 28.66, 25.54 -69.5% +23.9% +19%
4, 2.38, 4.41 -21.5% +9.9% " 0%
1, 0.33, 0.69 < 1% < 0.2% " 0%

TABLE II: Sensitivity to the core radius of an isothermal profile, and comparison of the NFW and istothermal profiles, for
three representative propagation sets at Tp̄ = 1 GeV. These propagation parameters correspond to the minimum, median and
maximum primary flux compatible with nuclei analysis. The reference value Sprim

ref is for an isothermal halo whose core radius
is a = 3.5 kpc. Notice that for higher energies, the results would be the same than those provided by the set L = 15 kpc (purely
di!usive transport).

FIG. 13: Top–of–atmosphere antiproton fluxes as a function
of the antiproton kinetic energy for the m!=100 GeV refer-
ence case. The upper (lower) set of curves refer to the maxi-
mal (minimal) set of of astrophysical parameters. Solid curves
show the interstellar fluxes. Broken curves show the e!ect of
solar modulation at di!erent periods of solar activity: ! = 500
MV (long dashed), ! = 700 MV (short dashed), ! = 1300 MV
(dotted).

V. TOP–OF–ATMOSPHERE FLUXES:
COMPARISON WITH DATA AND RESULTS

FOR SUPERSYMMETRIC MODELS

Now that we have calculated the interstellar fluxes
of antiprotons at the Sun’s position in the Galaxy, we
have to further propagate them inside the heliosphere,
where the cosmic ray particles which eventually reach
the Earth are a!ected by the presence of the solar wind.
We model the e!ect of solar modulation by adopting the
force field approximation of the full transport equation
[42]. In this model, the top–of–atmosphere (TOA) an-
tiproton flux "TOA

p̄ is obtained as:

"TOA
p̄ (ETOA

p̄ )

"IS
p̄ (EIS

p̄ )
=

!

pTOA

pIS

"2

(21)

FIG. 14: Primary TOA antiproton fluxes as a function of the
antiproton kinetic energy, for the representative spectra of
Figs. 6 in the eMSSM. The solid line refers to m! = 60 GeV,
the long–dashed line to m! = 100 GeV, the short–dashed
line to m! = 300 GeV and the dotted line to m! = 500
GeV. The astrophysical parameters correspond to the median
choice. Solar modulation is calculated for a period of minimal
solar activity. The upper dot–dashed curve corresponds to
the antiproton secondary flux taken from Refs. [18, 28]. Full
circles show the bess 1995-97 data [43]; the open squares show
the bess 1998 data [44]; the stars show the ams data [46] and
the empty circles show the caprice data [47].

where E and p denote the total energies and momenta of
interstellar and TOA antiprotons, which are related by
the energy shift:

EIS
p̄ = EIS

p̄ ! ! (22)

where the parameter ! is determined by fits on cosmic
ray data. In our analysis, we will adopt the value ! = 500
MV for periods of minimal solar activity, corresponding
to the years around 1995–1998, ! = 700 and ! = 1300
MV for a transient period and for the solar maximum,
respectively, which will be used for years 1999 and 2000.

Fig. 13 shows the TOA antiproton fluxes for the
m! = 100 GeV reference configuration and for the max-
imal and minimal sets of astrophysical parameters. The

Donato et al, PRD69(2004)063501 [arXiv: astro-ph/0306207]

MIN

MAX



Positron fluxes

• Compared to antiprotons,

- energy losses are much more important 
(inverse comption on CMB and starlight)

- higher energies due to more prompt 
annihilation channels (ZZ, W+W-, etc) for 
e.g. neutralinos

- propagation uncertainties are higher

- solar modulation uncertainties are higher



Positrons - signal

• Compared to 
antiprotons, the 
fluxes are 
typically lower 
(except possibly 
at high 
energies), but...
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• The positron spectra can 
have features that could 
be detected!

• The signal strength 
needs to be boosted, 
e.g. by clumps, though...

• ...or we need some 
other type of dark 
matter than neutralinos

• ...or we see astrophysical 
sources (pulsars)
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FIG. 2: Scan over mSUGRA (left) and MSSM-9 (right) models that shows the enhancement in the positron flux (at Ee+ =
0.9 m!) due to radiative corrections vs. the mass splitting between the lightest selectron and the neutralino, " ! (mẽ " m!) /m!.
Also indicated in this figure are the benchmark model BM3 from [21] and a further benchmark model BM5’ as introduced in
the text.

free parameters as compared to mSUGRA is mainly that
the total annihilation cross section is not anymore closely
linked to the mẽ-m! mass splitting by the relic density
requirement. As a result, the enhancements in the total
positron flux can be both considerably larger and smaller
than in the mSUGRA case, depending on the total an-
nihilation rate to lowest order; the main contribution to
the flux enhancement, however, is in any case found from
the e+e!! channel.

In Fig. 3, we plot the resulting flux ratio e+/(e+ + e!)
from neutralino annihilations for both BM3 and a point
BM5’ in the MSSM-9 parameter space (with m! =
132 GeV, mẽ = 157 GeV; both models are marked in
Fig. 2) and compare it to the PAMELA data. For com-
parison, we also show the expected background flux [29].
Propagation e!ects thus considerably smear the spec-
trum shown in Fig. 1, but the clearly pronounced cuto!
at Ee+ = m! still remains as a prominent feature. It is
interesting to note that this type of pronounced spectral
signature so far has only been associated to Kaluza-Klein
dark matter [30]. Even though the cuto! in this latter
case appears, due to the large branching ratio into e+e!,
to be even more pronounced, it would be observationally
very challenging to see this di!erence with an energy res-
olution of the about 5% expected for PAMELA. The ap-
parent discrepancy between the background expectation
and the new data at small energies is most likely due to
a change in the solar potential which has not been taken
into account so far [5]; this e!ect, however, is expected to
be negligible at positron energies above around 10 GeV
and we will therefore not discuss it further here.

HEAT

PAMELA

Ee+ [GeV]

e+
/(

e+
+

e!
)

Bergström, Bringmann & Edsjö (2008)

background

BM3 (m!=233 GeV)

BM5’ (m!=132 GeV)

5 10 20 50 100 200
0.01

0.02

0.05

0.1

0.2

.

FIG. 3: The solid line is the expected flux ratio e+/(e+ + e!)
as calculated following [29]. The data points are the combined
HEAT [31] and PAMELA data [5]. Furthermore, the expected
flux ratio for our benchmark models is shown without (dot-
ted lines) and after taking into account radiative corrections
(dashed lines). See text for further details.

Unfortunately, the need for large boost factors is
generic for all models that show a high positron yield en-
hancement in the way reported here (in Fig. 3, we used

Figure from Bergström, Bringmann & Edsjö, arXiv: 0808.3725 (to appear in PRD)

Positron spectra (w/ IB) and Pamela



Background uncertainties

• Background 
uncertainties from 
propagation only.

• Additional 
uncertainties arise 
from energy loss 
uncertainties, 
injection spectra, 
production cross 
section etc

Delahaye et al, arXiv: 0809.5268



Other uncertainties

8 Delahaye et al.: Galactic secondary positron flux at the Earth

Tan & Ng

Badhwar et al.

Kamae et al.

CAPRICE 94

HEAT 94-95

AMS 98

Shikaze et al.

IS

TOA

Donato et al.

CAPRICE 94

HEAT 94-95

AMS 98

Fig. 5. Left: TOA and IS positron spectra for three di!erent nuclear cross section parameterizations: Kamae (solid),
Badhwar (dashed) and Tan & Ng (dotted). Right: TOA and IS positron spectra for two di!erent proton fluxes: Shikaze
(solid) and Donato (dashed). In all cases, di!usion parameters are set to the MED case of Tab. 1.

positrons are created within 1 kpc while more than half of
the 100 MeV positrons come from less than 2 kpc. Indeed
energy losses are quite e"cient. They strongly reduce the
positron horizon as the energy increases. This is why the CR
proton and helium fluxes are close to their solar values once
they are averaged over the positron horizon scale. Taking
the retro–propagation of projectile spectra into account has
therefore little e!ect on the positron flux, as is clear in
Fig. 8.

4.2. Di!usive reacceleration

Space di!usion and energy losses through inverse Compton
scattering and synchrotron emission are the only processes
that we have considered so far. We have neglected many
other mechanisms which actually may have an impact on
positron propagation. Galactic convection can sweep cos-
mic rays out of the di!usive halo and is associated to adi-
abatic energy losses. The drift of the magnetic turbulent
field with respect to the galactic frame with velocity Va in-
duces both a di!usion in energy space and a reacceleration
of particles. This so–called di!usive reacceleration has actu-
ally been discussed in the original analysis of Moskalenko &
Strong (1998), but it does not appear in the fitting formula
proposed by Baltz & Edsjö (1999). Finally, bremsstrahlung
and ionization should come into play at low energies, say
below ! 1 GeV.

Notice that once all these e!ects are considered, there is
no longer an analytical solution to the di!usion equation,
at least none we know. Synchrotron and IC energy losses
take place all over the di!usive halo whereas the other en-
ergy loss mechanisms as well as di!usive reacceleration are
localized within the galactic plane. A completely numeri-

cal approach is always possible of course but this has never
been our philosophy so far. Keeping calculations as much
analytical as possible has always been our guiding principle.
We have therefore derived an approximate solution to the
complete di!usion equation where the IC and synchrotron
losses have been suitably renormalized and assumed to take
place only in the disk. Obviously this is not fully correct.
But a close inspection of the left panel of Fig. 9 and its solid
curve indicates no di!erence with the reference model fea-
tured in Fig. 4 by the long–dashed blue line. The di!usion
equation may be now expressed as:

"·
!
#K0 !!"N + VC(z)N

"
+ (19)

+ 2h "(z)
#

#!

#
bloss(!)N # K""

#N

#!

$
= qe+(x, !) ,

where ! = E/E0 and E0 = 1 GeV as defined in Sect. 3.1.
The convective wind varies with the vertical coordinate as:

VC(z) =
#

VC uz if z > 0
#VC uz if z < 0.

(20)

The energy loss term is a combination of several contribu-
tions:
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%
&&&&&&&'

&&&&&&&(

!2
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Inverse Compton and synchrotron

+" · VC
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6h!
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)
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me

*
+ 19.8

$
Ionisation.

(21)

Delahaye et al, arXiv: 0809.5268

Nuclear cross sections Proton primary spectra



Even more background uncertainties
• Of course, the positrons could also come from 

other astrophysical sources, like pulsars
6

FIG. 2: The spectrum of positrons (left) and ratio of positrons to electrons plus positrons (right) from the pulsar Geminga,
with the dashed lines as in Fig. 1. In the right frames, the measurements of HEAT [3] (light green and magenta) and
preliminary measurements of PAMELA [2] (dark red) are also shown. Here we have used an injected spectrum such that
dNe/dEe ! E!! exp("Ee/600 GeV), with ! = 1.5 and 2.2. The solid lines correspond to an energy in pairs given by 3 # 1047

erg, while the dotted lines require an output of 3# 1048 erg.

period of a few hundred thousand years, Eq. (10) approximately reduces to Ddif(Ee, t) !
!

4K(Ee) t, corresponding
to !300-500

"
t5 parsecs over the energy range of 10 to 50 GeV.

As a first example, we consider the nearby (D # 157 pc) Geminga pulsar, having an estimated age of 370, 000
years [16, 19]. In order to take into account the uncertainties in the injection spectrum, we carry out our calculations
by assuming that electrons and positrons are injected with a spectral index ! = 2 and 1.5, and exponentially cuto!
above 600 GeV. As a default quantity, we consider a total energy of 3 $ 1047 erg injected as electron-positron pairs,
which constitutes a few percent of the total spin down power of the pulsar. Our results for Geminga are shown in
Fig. 2. In the left panel we plot the positron spectrum from Geminga for ! =1.5 and 2. Again,the dashed line presents
the spectrum from secondary positrons alone. The right panel shows the positron fraction for the two values of !
and for two values of the total energy injected in pairs. The lower of these values in our default choice, 3 $ 1047

erg (solid lines), while the higher, dotted lines represent the approximate energy required to generate the entire flux
of excess positrons from Geminga alone (3 $ 1048 erg). We thus conclude that if Geminga were to dominate the
observed positron fraction at high energies, it would have to transfer on the order of !30% of its spin-down power
into electron-positron pairs. Such a high e"ciency to pairs appears unlikely. The (probably) subdominant role of
Geminga is not particularly unexpected, given its relatively old age.

We now turn our attention to the case of the pulsar B0656+14. B0656+14 is considerably younger than Geminga
(approximately 110, 000 years old), has a period today of P = 390 ms, and a current spin down luminosity that is
approximately the same as Geminga. The spectrum of positrons and the positron fraction from B0656+14 are shown
in the left and right panels of Fig. 3, respectively. The lines are labeled as in Fig. 2. Because of the younger age
of this pulsar, the flux of positrons expected from B0656+14 is somewhat higher than from Geminga, despite being
somewhat more distant (D = 290 pc). In the case with ! = 1.5, the predicted positron fraction can fit the PAMELA
data if it injected ! 8 $ 1047 erg in electron-positron pairs. This appears still large, but less extreme than in the
Geminga case.

In Sec. II, we found that nearby pulsars (D <! 500 parsecs) are likely to dominate the pulsar contribution to the
positron spectrum, especially energies above !20-50 GeV. More distant pulsars, however, are still anticipated to play
an important role in the lower energy range of the PAMELA positive excess. In Fig. 4, we show a combination of
pulsar contributions to the high energy positron spectrum and the positron fraction. In particular, we include the
contribution from all pulsars more distant than 500 parsecs (using a rate of 3.3 pulsars per century, as shown in the
lower frames of Fig. 1) and the contributions from B0656+14 and Geminga (using 3 $ 1047 erg in electron-positron
pairs from each and a spectral index of 1.5). As can be seen in the right frame, such a combination can provide a
good fit to the preliminary measurements of PAMELA and accommodates for a rising positron fraction even beyond
! 100 GeV.

A comment regarding this result is in order. In describing the contribution from all pulsars throughout the Milky
Way, we have adopted a spectrum with an index of 1.6 and an exponential cuto! above 80 GeV. In contrast, we have
used a higher cuto! (600 GeV) and slightly harder slope (1.5) for the nearby B0656+14 and Geminga pulsars. These

Hooper, Blasi, Serpico, arXiv: 0810.1527

Geminga

See also Aharonian ’95 and others



 Signal uncertainties

Delahaye et al,
arXiv: 0712.2312v2
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• Uncertainty band 
from propagation 
only.

• Additional 
uncertainties 
from positron 
energy losses.



Uncertainties on energy loss

• Non-thermal 
Wino dark 
matter 
annihilating to 
W+W-

• Effects of 
changing the 
energy loss 
time for 
positrons

• Both 
normalization 
and shape 
changes

2

and the sum is taken over all annihilation channels which
contain positrons in the final state. The observed flux of
cosmic rays is then found by propagating the source of
Eq. (1), along with any astrophysical sources of cosmic
rays (background) to the Earth. There are three sources
of uncertainty for the prediction of any Dark Matter sig-
nal: the dark matter distribution, the propagation of its
annihilation products, and the role of astrophysical back-
grounds.

Unless otherwise stated, we restrict our attention
to the commonly adopted Navarro-Frenk-White (NFW)
profile [19]. This distribution is spherically symmetric
and has the form:

!(r) = !!
!r!

r

" #
1 + (r!/rs)
1 + (r/rs)

$2

, (2)

with rs = 20 kpc, where r! = 8.5 kpc is the galacto-
centric distance of the sun and !! = 0.3 GeV/cm3 is the
local dark matter density. Any reasonable profile will not
e!ect the positrons appreciably, since they are mostly lo-
cal. However, constraints from EGRET (and predictions
for FGST) are directly e!ected by this choice, as well
as fluxes from anti-protons. While the choice of profile
does not appreciably e!ect the positron spectrum, the lo-
cal sub-structure (clumpiness) of the dark matter, could
have important e!ects, as we will soon discuss.

For propagation of the cosmic rays resulting from
WIMP annihilations we use DARKSUSY [20] and GAL-
PROP [21], to numerically solve for the fluxes. We
vary the propagation parameters to examine how well
a light neutralino can account for the positron excess.
As standard values we take a di!usion coe"cient of K =
3!1027"0.6 cm2 s"1, a half height for the confinement re-
gion of L = 4 kpc, and an energy loss time of # = 1016 s.
For the astrophysical background in positrons we adopt
the power-law # =

%
4.5"0.7

&
/

%
1 + 650"2.3 + 1500"4.2

&

from [22], where " is the energy in units of GeV.
For comparing theoretical predictions for positrons

with the data, it is customary to consider the positron
fraction, which includes both contributions from dark
matter #DM

e+ as well as the astrophysical background
#bkg

e+ and the analogous fluxes for electrons, i.e.

# =
#DM

e+ + #bkg
e+

#DM
e+ + #bkg

e+ + #DM
e! + #bkg

e!

, (3)

Our results for a 200 GeV particle that annihilates to
W bosons appear in Figure 1. We have set the annihila-
tion cross section, by assuming that the particle is a pure
wino. The preliminary data of PAMELA are also shown
[1], along side the anticipated signal in the presence of a
200 GeV wino2. The bottom (solid) curve represents the

2 Below 10 GeV, the e!ects of charge bias on the solar modu-
lation are expected to be non-negligible. We have checked that
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FIG. 1: Positron flux ratio for Wino-like Neutralino with a
mass of 200 GeV, normalized to the local relic density. We
set the height of the propagation region at 4 kpc and consider
varying values for the energy loss rate (! = 1, 2, 5) in units
of 1016 s. The solid bottom line represents a conventional
astrophysical background [22].

astrophysical background. The next higher curve repre-
sents the 200 GeV wino for the NFW halo profile and de-
fault propagation parameters discussed above. The dark
matter signal does not provide a convincing explanation
for the excess reported by PAMELA.

However, we find that by varying the rate of energy
loss of the positrons a better fit to the data is possible.
Positrons lose energy via synchrotron radiaton and via
inverse compoton scattering o! di!use starlight and the
cosmic microwave background. These energy losses are
parameterized by the energy loss time # . At the ener-
gies of interest this is dominated by the interaction of
the positrons with starlight. While have seen that the
typically chosen default value of # = 1016 s gives a poor
fit to the data, claims in the literature [24], indicate that
there are theoretical uncertainties in # at the level of a
factor of 2. So, we provide a curve for # = 2 ! 1016 s,
still a poor fit. A # = 5 ! 1016 s gives a qualitatively
good fit to the data. It is unclear that such a value is
consistent with extant maps of starlight[25]. To clarify
whether a neutralino could fit the data, it is important
to determine this with certainty.

The distribution of the Dark Matter could also signif-
icantly impact the fit. Depending on the distribution of
the dark matter (e.g., if there are significant over den-
sities of the Dark Matter close by) astrophysical boost
factors could also contain a dependence on the energy

solar modulation [23] can bring the PAMELA data into improved
agreement with the theoretical estimate, but do not attempt a
detailed accounting of the solar modulation which would require
additional detailed data on the solar B field. As the dark mat-
ter signal is dominant at higher energies, we focus on the region
above 10 GeV where these e!ects are not important.

Grajek et al, arXiv: 0812.4555

Probably too little energy loss



Comments on boost from substructure

• If we have a local boost factor B0 from 
substructure, we would expect the boost 
factors in other parts of the galaxy to be 
different, in particular to be smaller in the 
galactic centre and larger in the outskirts 

X

Earth

B0
Bc<B0 Bfar>B0



Gamma boost

• The gamma ray boost factor very much 
depends on where we look

X

Earth

B0
Bc<B0 Bfar>B0

Small effect of 
boost factors

Large effect of 
boost factors



Antiproton boost

• Antiprotons can typically travel pretty far 
so the signal at Earth has a pre-dominace of 
coming from far away dense regions (GC) 
where the density is higher and the boost is 
lower. Effective boost is then expected to 
be lower than the local one.

X

Earth

B0
Bc<B0 Bfar>B0

See e.g. Bergström et al, PRD 59 (1999) 043506 for a concrete model where this is shown.



Positron boost

X

Earth

B0
Bc<B0 Bfar>B0



Positron boost

• Positrons typically don’t travel very far, the boost 
should then be close to the local one.

X

Earth

B0
Bc<B0 Bfar>B0



Positron boost

• Positrons typically don’t travel very far, the boost 
should then be close to the local one.

• However, the more energy they have lost, the 
further away they can come from and hence have a 
lower effective boost factor. This leads to an 
energy-dependent boost factor that can change 
the spectral shape.

X

Earth

B0
Bc<B0 Bfar>B0

Large energy losses

Small energy losses



Energy-dependent positron boost

• Energy dependent 
boost factor from 
Lavalle et al, arXiv:
0709.3634
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Neutrino
oscillations

• New numerical calculation of interactions and oscillations in a fully three-
flavour scenario. Regeneration from tau leptons also included.

• Publicly available code: WimpSim: WimpAnn + WimpEvent suitable for 
event Monte Carlo codes: www.physto.se/~edsjo/wimpsim

• Main results are included in DarkSUSY.

Neutrino interactions

Similar to analysis of 
Cirelli et al, but 

event-based.

M. Blennow, J. Edsjö and 
T. Ohlsson, JCAP01 (2008) 021

Neutrino oscillations

http://www.physto.se/~edsjo/wimpsim
http://www.physto.se/~edsjo/wimpsim


DM diffusion in the solar system

• DM particles are affected by the Sun and the planets 
(gravitational diffusion) in the course of being captured.

© 2008 David Edsjö



• Numerical simulations of WIMP diffusion in 
the solar system

• Included diffusion with Earth and Jupiter 
and added Venus by hand. 

• Included effects of solar depletion (big 
effect)

Main ingredients in 
Lundberg & Edsjö (2004) gravitational diffusion



Earth annihilation rates
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Diffusion analysis by Xu & Siegel
(arXiv:0806.3767)

• In a semi-analytic treatment they 
included the effects of all 8 
planets. They did not include solar 
depletion though.

• They found huge enhancements 
(103-105) at Earth due to diffusion. 

• But their paper is WRONG! 
They forgot to include the effects 
of WIMPs being thrown out of the 
solar system which would take 
away this huge enhancement.

5

cuts, we choose enough random positions and velocity
directions to generate one billion particles for this final
step. By boosting to the planet’s rest frame, calculating
the change in direction due to the gravitational interac-
tion between the dark matter particle and the planet, and
then boosting back to the Sun’s rest frame, we obtain the
final speed of the particle. We tabulate the particles that
become bound to the Sun as a result of this final inter-
action, and compute both the total probability of grav-
itational capture and the distribution of the semi-major
axes of the captured particles.

IV. RESULTS

Given the r! chosen in section III and the fact that
the Solar System has had approximately 4.5 billion years
(defined as the lifetime of the Solar System, tSS) to accrue
dark matter via this mechanism, we determine that the
total amount of dark matter encountered is given by

MDM = !DM(r")V

= !DM(r")"r2
!v̄"tSS ! 203 M", (30)

where v̄" is the average velocity of the Sun with respect
to the galaxy, determined to be 208 kms#1 using a time
average of the data from equation (1) and Table I. Our

Planet Fraction Captured Mass Captured

Mercury 1.03 ! 10!16 2.09 ! 10!14 M"

Venus 8.71 ! 10!16 1.77 ! 10!13 M"

Earth 9.41 ! 10!16 1.91 ! 10!13 M"

Mars 2.91 ! 10!16 5.91 ! 10!14 M"

Jupiter 1.23 ! 10!13 2.50 ! 10!11 M"

Saturn 7.06 ! 10!14 1.43 ! 10!11 M"

Uranus 2.87 ! 10!14 5.83 ! 10!12 M"

Neptune 3.98 ! 10!14 8.08 ! 10!12 M"

TABLE III: Fraction and total mass of all dark matter par-
ticles captured due to gravitational interactions with each of
the eight planets. Although the absolute numbers are much
smaller for the inner, rocky planets compared to the Jovians,
they are still significant for determining the densities of dark
matter, as they dominate at radii smaller than half of Jupiter’s
semi-major axis.

calculations and computations then allow us to determine
what fraction of this total mass winds up getting gravita-
tionally captured via these three-body interactions. Our
results are presented in Table III.

The two most important factors contributing to cap-
ture are the mass and the orbital semi-major axis of the
planet. The more massive and the further away a planet
is from the Sun, the more e!ective it will be at capturing
dark matter, as the cross-section for favorable gravita-
tional interactions is given by the radius of the sphere of
influence (rb) from equation (7).

FIG. 2: Dark matter density vs. distance from the Sun in our
Solar System at the present day. Density is presented in units
of kg AU!3, with distances given in units of AU.

Equation (27) allows us to obtain a measure of the spa-
tial distribution of the captured dark matter particles. In
Figure 2, we illustrate the local density of dark matter,
taking the semi-major axis of the captured dark matter
particle as a proxy for its position, as a function of dis-
tance from the Sun. For comparison, the background
galactic halo density is also shown. Of particular note is
the dark matter density at 1 AU, which is greater than
the background dark matter density (from the underlying
galactic halo) by a factor of 1.63 " 104.

Figure 3 indicates the total mass of dark matter en-
closed within a certain radius from the Sun due to both
the captured dark matter and the underlying galactic
halo. Between approximately 0.2 AU and 100 AU, the
amount of dark matter bound to the Solar System is
much more massive and dense than the background halo.
Within the orbit of Mercury, Earth, Mars, and Neptune,
we find that approximately 1.91"1016 kg, 3.23"1017 kg,
4.87 " 1017 kg, and 7.69 " 1019 kg of dark matter is en-
closed, respectively. The total amount of matter dark
bound to the Solar System as the result of gravitational
capture is 1.07 " 1020 kg, or 1.78 " 10#5 Earth masses.

V. DISCUSSION

We predict the presence of a new component of dark
matter within the Solar System due to gravitational
capture. We find that, within the orbit of Neptune,
7.69 " 1019 kg of dark matter has become bound to our
Solar System due to the capture mechanism over its life-



Diffusion work by Peter & Tremaine
arXiv: 0806.2133

• Full numerical simulations, but only 
including Jupiter.

• No solar depletion included

• Included effects of Jupiter on WIMPs in the 
process of being captured by the Sun. This 
could cause a large reduction in the solar 
capture for heavy WIMPs.



Jupiter effects on solar capture

• Traditionally, if a WIMP scatters to below the escape velocity (at that 
point), it is considered captured. 

• Peter & Tremaine showed that if the WIMP after its first scatter reaches 
out to Jupiter, Jupiter can disturb the orbit so that it no longer passes 
through the Sun and eventually gets thrown out of the solar system.

• This reduces the solar capture rate, especially for heavy WIMPs



Jupiter effects - simple approximation

• A conservative estimate of the capture rate 
in the Sun can be obtained by saying that:

- if a WIMP after its first scatter has a 
velocity that would not take it out to 
Jupiter (instead of the escape velocity), 
we consider it captured.



Included as an option in DarkSUSY 5.0.3: call dsntset(‘tabcut’) to use
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Capture sensitive to the 
low-velocity region

Direct detection sensitive to 
higher velocities

f(v)

v

Remember the 
different velocity 
dependencies!

• BUT, we cannot fiddle too much with this without violating 
the dynamical constraints from the Milky Way

• Also, the local density NOW is most likely not lower than the 
average by a factor of two (M. Kamionkowski and S.M. 
Koushiappas, arXiv: 0801.3269)

A note about velocity distributions

http://arxiv.org/find/astro-ph/1/au:+Koushiappas_S/0/1/0/all/0/1
http://arxiv.org/find/astro-ph/1/au:+Koushiappas_S/0/1/0/all/0/1


• Read et al (arXiv: 0803.2714) showed by 
numerical simulations that there might be a 
dark disk in the MW with a density of 
about 0.25-1 of the usual halo density.

• The disk has a low velocity with respect to 
the Earth which will cause two main effects:

- capture in Earth/Sun could be enhanced

- direct detection rates at very low recoil 
energies could be enhanced

Effects of the dark disk



• Direct detection 
and the neutrino 
signal from the 
Earth are both 
sensitive to the 
spin-independent 
scattering cross 
section 

• Large correlation1
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• Compared to the 
Earth, much 
better 
complementarity 
due to spin-
dependent 
capture in the 
Sun.
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Conclusions

• For ‘standard’ halo models and ‘standard’ DM candidates, antiproton 
fluxes are typically rather high, with positron fluxes being lower. 
Gamma fluxes from the halo or dwarf galaxies could also be 
significant as well as neutrino fluxes from the Sun.

• For non-standard halo models, or with substructure, the fluxes of 
gamma rays and charged cosmic rays can be enhanced significantly, 
probably not by more than a factor of 5-15 though. Sommerfeld 
enhancements could be larger though

• Diffusion model uncertainties can affect the antiproton and positron 
fluxes by more than an order of magnitude.

• Neutrino fluxes from the Sun/Earth are affected by solar system 
diffusion. Earth fluxes typically lower by a factor of 10 than ‘naive’ 
estimate. Sun fluxes probably reduced for DM masses above 1 TeV.




